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ABSTRACT
Astrophysical jets are launched from strongly magnetized systems that host an accretion disk sur-
rounding a central object. The origin of the jet launching magnetic field is one of the open questions
for modeling the accretion-ejection process. Here we address the question how to generate the accre-
tion disk magnetization and field structure required for jet launching. Applying the PLUTO code, we
present the first resistive MHD simulations of jet launching including a non-scalar accretion disk mean-
field α2Ω-dynamo in the context of large scale disk-jet simulations. Essentially, we find the αφ-dynamo
component determining the amplification of the poloidal magnetic field, which is strictly related to
the disk magnetization (and, as a consequence, to the jet speed, mass and collimation), while the αR
and αθ-dynamo components trigger the formation of multiple, anti-aligned magnetic loops in the disk,
with strong consequences on the stability and dynamics of the disk-jet system. In particular, such
loops trigger the formation of dynamo inefficient zones, which are characterized by a weak magnetic
field, and therefore a lower value of the magnetic diffusivity. The jet mass, speed and collimation
are strongly affected by the formation of the dynamo inefficient zones. Moreover, the θ-component of
the α-dynamo plays a key role when interacting with a non-radial component of the seed magnetic
field. We also present correlations between the strength of the disk toy dynamo coefficients and the
dynamical parameters of the jet that is launched.
Keywords: accretion, accretion disks – MHD – ISM: jets and outflows – stars: mass loss – stars:
pre-main sequence galaxies: jets
1. INTRODUCTION
Astrophysical jets, consisting of collimated high-speed
outflows, are launched from a wide range of astrophysi-
cal objects such as young stellar objects (YSO), micro-
quasars or active galactic nuclei (AGNs). Although
these sources span orders of magnitude in term of ex-
tension, time scales and energy scales, it is commonly
accepted that these jets are launched from systems
that host an accretion disk surrounding a central ob-
ject (Frank et al. 2014; Hawley et al. 2015; Pudritz &
Ray 2019). Further agreement is on the key role of the
large-scale magnetic field for the launching, acceleration
and collimation of jets. With launching we denote the
transition between accretion and ejection, respectively
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the mass loading of outflows and jets. Quite a num-
ber of studies have investigated this launching process
(see, e.g., Blandford & Payne 1982; Uchida & Shibata
1985; Casse & Keppens 2002; Fendt 2006; Zanni et al.
2007; Tzeferacos et al. 2009; Stepanovs & Fendt 2014;
Stepanovs et al. 2014; Fendt & Gaßmann 2018).
Still, the origin of the jet-launching disk magnetic
field is not completely understood. Analytical models
and numerical simulations have so far mostly assumed
a predefined large-scale, open magnetic field structure,
whose strength and configuration is an essential parame-
ter when understanding and determining the jet dynam-
ics (Murphy et al. 2010; Stepanovs & Fendt 2016). For
the origin of the accretion disk magnetic field one may
consider are an extended central stellar magnetic field,
the advection of magnetic flux from the ambient inter-
stellar medium, or a magnetic field that is generated by
a dynamo process in the disk. The latter scenario is par-
ticularly interesting in order to generate jets from AGN,
which host as a central object a supermassive black hole,
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2that, unlike stellar objects, cannot produce its own mag-
netic field.
Disk dynamos have been suggested already some
decades ago (Pudritz 1981a,b; Brandenburg et al. 1995),
and there is a huge literature on dynamo theories and
their applications to astrophysics (for reviews see e.g.
Brandenburg & Subramanian 2005; Rincon 2019). Es-
sentially, astrophysical dynamos are thought to be of
turbulent, thus small scale nature, while, on the other
hand, one is interested in its large scale effects on the
dynamics of these systems. Overall, it is prohibitively
expensive to model the turbulence, involving the small-
est scales, and, at the same time, aiming to describe
astrophysical systems on large scales. The disk turbu-
lence that may lead to both, a turbulent dynamo effect
but also to a turbulent magnetic diffusivity is generally
thought to be generated by the magneto-rotational in-
stability, MRI (Balbus & Hawley 1991).
For this reason two paths of modelling dynamos have
been pursued. These are (i) direct simulations, which
study the natural amplification of the magnetic field
(see, e.g., Gressel 2010; Bai & Stone 2013; Gressel & Pes-
sah 2015; Riols, & Latter 2018; Hogg & Reynolds 2018;
Dhang et al. 2020), and (ii) the mean-field approach
(see, e.g., Krause & Ra¨dler 1980; Ru¨diger et al. 1995;
Campbell 1999; von Rekowski et al. 2000; Bardou et al.
2001; Chabrier & Ku¨ker 2006), by which (iia) (semi-
)analytical solution can be derived, or (iib) global nu-
merical simulations can be run covering the large scales
of astrophysical systems.
In this paper we follow the second approach. Previ-
ous work in this field of large-scale disk-jet simulations
and a possible origin of large-scale magnetic field in ac-
cretion disks have been performed by von Rekowski et
al. (2003); Stepanovs et al. (2014); Fendt & Gaßmann
(2018); Dyda et al. (2018), essentially demonstrating
that a mean-field dynamo generated magnetic field can
efficiently launch jet or outflows. Most recently, mean-
field dynamos have also be considered in general rela-
tivistic MHD tori (Bucciantini & Del Zanna 2013; Bugli
et al. 2014; Tomei et al. 2020) and disks (Vourellis &
Fendt 2020).
In particular, we extend the work of Stepanovs et al.
(2014) by studying the effects of a non-scalar mean-field
dynamo. This has not yet been done for launching sim-
ulations. By prescribing a non-isotropic dynamo, in the
induction equation, we are able to the disentangle the
dynamo effects shown in Stepanovs et al. (2014) and
Fendt & Gaßmann (2018) in terms of the different com-
ponents of the dynamo tensor.
Mean-field MHD theory arises from averaging the
small-scale dynamics of a turbulent flow pattern, that
is (in our case) affected by a central gravity and a sub-
sequent rotation pattern, gas pressure gradients, and
Lorentz forces. Both analytical theory (e.g. Ru¨diger,
& Kichatinov 1993) as well as direct numerical simula-
tions resolving the disk turbulence (e.g. Gressel 2010)
have clearly detected an anisotropic nature of the dy-
namo tensor. As demonstrated by previous work the
different tensor components have different amplitudes
and different impact on the magnetic field components.
We thus believe that the anisotropy of the dynamo will
have essential impact on the structure of the dynamo-
generated magnetic field. This has not been shown be-
fore in a numerical simulation of jet-launching disks.
The paper is organized as follows. In Section 2 we
describe our model setup and the numerical approach.
In Section 3 we investigate the different effects of the
single components of a vectorial dynamo tensor on the
jet launching process. We summarize our paper in Sec-
tion 4. In the Appendix we define our control volumes
and provide test simulations comparing our new code to
previous works.
2. MODEL APPROACH
2.1. MHD equations
We solve the time-dependent, resistive MHD equa-
tions applying the PLUTO code (Mignone et al. 2007)
version 4.3, on a spherical grid (R, θ, φ) assuming ax-
isymmetry. We refer to (r, z, φ) as cylindrical coordi-
nates. The code integrates and solves numerically the
set of MHD conservation laws, in particular for the con-
servation of mass,
∂ρ
∂t
+∇ · (ρv) = 0, (1)
where ρ and v are, respectively, the plasma density and
the flow velocity; the momentum conservation,
∂ρv
∂t
+∇ ·
[
ρvv +
(
P +
B ·B
2
)
I−BB
]
+ ρ∇Φg = 0,
(2)
where p and B denote the gas pressure and the magnetic
field, respectively. The central object of mass M pro-
vides the gravitational potential Φg = −GM/R. The
energy is conserved through the equation
∂e
∂t
+∇·
[(
e+ P +
B ·B
2
)
v − (v ·B)B+ ηJ×B
]
= Λcool,
(3)
where the total energy density is defined as
e =
P
γ − 1 + ρ
v · v
2
+
B ·B
2
+ ρΦg, (4)
with the polytropic index γ = 5/3.
3The electric current density is determined by the Am-
pere’s law J = ∇×B. As shown e.g. by Casse & Ferreira
(2000a); Casse, & Ferreira (2000b); Zanni et al. (2007);
Tzeferacos et al. (2013) cooling may play a role in the
jet launching process since both density and velocity are
subjected to cooling effects. For the sake of simplicity,
as in Sheikhnezami et al. (2012); Stepanovs & Fendt
(2014), the cooling term is set to be equal to the Ohmic
heating, which is, therefore, instantly radiated away.
The magnetic field evolution is determined by the in-
duction equation. Here, we have implemented into the
code a mean-field dynamo term (Krause & Ra¨dler 1980),
∂B
∂t
= ∇× (v ×B+ αdynB− ηJ), (5)
following mainly the approach of Stepanovs et al. (2014).
The tensors αdyn and η describe the α-effect of the mean-
field dynamo and the magnetic diffusivity.
2.2. Numerical setup
As we solve the non-dimensional MHD equations, no
intrinsic physical scales are involved. All the primitive
MHD variables, i.e. ρ,v,P ,B, as well as the length scale
and time scale, are normalized to their value at the ini-
tial inner disk radius Rin. Thus, velocities are normal-
ized to vK,in, corresponding to the Keplerian speed at
Rin. As a consequence, the time unit is given in units of
tin = Rin/vK,in, and therefore the quantity 2pitin corre-
sponds to one revolution at the inner disk radius. In the
following, all times are measured in units of tin, implying
that t = 2000 (in short) corresponds to t = 2000 tin.
The computational domain covers a radial range of
R = [1, 100]Rin and an angular range of θ = [10
−8, pi/2−
10−8] ' [0, pi/2]. A stretched grid is applied in the ra-
dial direction considering ∆R = R∆θ. The domain is
discretized with a number of [NR × Nθ] = [512 × 128]
grid cells, which allows to resolve the initial disk height
H = 0.2r with 16 cells.
For the resolution study (see Appendix paper II) we
have discretized the domain with [NR × Nθ] = [1024 ×
256] and [NR × Nθ] = [256 × 64] grid cells, namely 32
and 8 cells per disk height, respectively
Our scale-free simulations may be applied, thus scaled
to a variety of jet sources. We apply the same phys-
ical scaling as described previous works (Zanni et al.
2007; Tzeferacos et al. 2009; Sheikhnezami et al. 2012;
Stepanovs & Fendt 2014). For an astrophysical scaling
of our normalized quantities for typical jet systems we
refer to Table 1.
For spatial integration we use the piecewise parabolic
interpolation method (PPM, see Mignone 2014). Time
integration is achieved through a third-order Runge-
Kutta scheme, while for the flux computation a Harten-
YSO BD AGN [units]
R0 0.1 0.01 20 AU
M0 1 0.05 10
8 M
ρ0 10
−10 10−13 10−12 g cm−3
v0 94 66 6.7× 104 km s−1
B0 15 0.5 1000 G
t0 1.7 0.25 0.5 days
M˙0 3× 10−5 2× 10−10 10 Myr−1
Table 1. Typical parameter scales for different sources,
in particular Young Stellar Objects (YSOs), Brown Dwarfs
(BDs) and Active Galactic Nuclei (AGN)
Lax-van Leer (HLL) Riemann solver is employed (Toro
2009). To preserve the the solenoidal condition of
the magnetic field, the method of Upwind Constrained
Transport (UCT, Londrillo & del Zanna 2004) is ap-
plied. In order to achieve stability we choose a Courant-
Friedrichs-Lewy time stepping with CLF = 0.4 <
1/
√
Ndim. This may be a challenge for our diffusive
MHD simulations, in particular for high resolution as
the diffusive time step goes as τη = (∆R)
2/η.
2.3. Initial conditions
The simulations start with a very weak initial seed
field, thus with a very low disk magnetization, defined
as the ratio between the magnetic pressure and the ther-
mal pressure µin = B
2
in/Pin = 10
−5 measured at the disk
mid-plane. Therefore, the initial structure of the accre-
tion disk can be obtained as a solution of the hydrostatic
equilibrium between thermal pressure gradients, grav-
ity and centrifugal force (Zanni et al. 2007; Stepanovs
& Fendt 2014), neglecting the Lorentz force (Stepanovs
et al. 2014; Fendt & Gaßmann 2018),
∇P + ρ∇Φg − 1
R
ρv2φ(eR sin θ + eθ cos θ) = 0. (6)
This equation can be solved assuming that all the quan-
tities X scale as power laws, X = X0R
βXFX(θ), where
X0 is the corresponding quantity evaluated at the in-
nermost radius of the disk (mid-plane). For the sake
of clarity we summarize here the pertinent formulas.
Self-similarity requires that every characteristic speed
should scale as the Keplerian velocity, ∝ R−1/2. Com-
bining this assumption with a polytropic gas, P ∝ ργ ,
the power law coefficients are βuφ = −1/2, βP = −5/2,
and βρ = −3/2 (as in the self-similar solution of e.g.
Blandford & Payne 1982). A key parameter to describe
the initial disk structure is the ratio between the isother-
mal sound speed and the Keplerian velocity at the disk
mid-plane of the inner radius  = cs/vφ
∣∣
θ=pi/2 . For an
4initially thin disk,  = z/r = 0.1, and solving for the
z-component of Eq. 6 with ρin = 1 at the inner disk
radius, we obtain
FP =
[
2
52
(
1− 1
sin θ
)
+
1
sin θ
]5/2
, (7)
and where we have chosen Pin = 0.01. Following the
polytropic relation assumed before, the disk pressure is
defined by Fρ = F
3/5
P .
Following Stepanovs & Fendt (2014); Stepanovs et al.
(2014), by solving the radial component of Eq. 6 we
obtain the disk rotation profile. Outside the disk we
define a hydrostatic corona,
ρc = ρc,inR
1/(1−γ), Pc =
γ − 1
γ
ρc,inR
γ/(1−γ), (8)
with ρc,in = 10
−3ρin. All simulations are initialized with
a purely radial magnetic field vanishing outside the disk,
defined by the vector potential
B = ∇×Aeφ = ∇×
[
Bp,in
r
exp
(
−8 (z/H)2
)]
eφ. (9)
Here, Bp,in = 
√
2µin defines the strength of the ini-
tial poloidal magnetic field and µin = 10
−5 is the initial
magnetization along the disk mid-plane. The quantity
H = 2r represents the geometrical disk height, respec-
tively twice the initial pressure scale height.
2.4. Boundary conditions
The boundary conditions are identical to those of
Stepanovs & Fendt (2014). We report them in this sec-
tion for convenience. Along the rotational axis and the
equatorial plane the standard symmetry conditions are
applied. The inner radial boundary is divided into two
different areas. One is the area that is suited for disk ac-
cretion located at θ > pi/2− 2, the other is the coronal
area at θ < pi/2− 2, where we choose 2 ≈ arctan(2).
The boundary condition along the inner radial bound-
ary is essential for stabilizing the corona against collapse
to the central object. While vθ = 0 along the inner
disk boundary, the radial velocity follows a power law,
vR = vRinR
−1/2 ≤ 0, where the inequality is imposed
in order to enforce the boundary behaving as a ”sink”.
Along the coronal area, we prescribe a constant inflow
velocity into the domain vp = 0.2 (in units of the Kep-
lerian speed at Rin) in the radial direction, that could
be interpreted astrophysically as a stellar wind.
From previous jet formation simulations (see e.g.
Ouyed & Pudritz 1997) we expect the terminal jet speed
to reach the Keplerian velocity at the inner disk. For vφ
we prescribe a power law across the inner boundary (for
both the disk and the coronal boundary)
vφ = vφ
∣∣
Rin,Rout
R−1/2. (10)
The boundary conditions for the poloidal magnetic field
along the inner radial boundary obey the divergence-
free condition. The method of constrained transport
requires to define only the θ-component of the magnetic
field along the boundary, while the radial component
is recovered from the Maxwell equations. At the outer
boundaries both Bφ and Bθ follow a power law
Bφ,θ = Bφ,θ
∣∣
out
R−1, (11)
while BR is again recovered using the solenoidality con-
dition. This is compatible with a constant gradient con-
dition. For the Bφ this implies in particular the conser-
vation of the electric current across the boundary.
Along the inner boundary we prescribe Bφ = 0 to-
wards the coronal region, while we again adopt a power-
law ∝ R−1 for the boundary area towards the inner disk.
Along the inner radial disk boundary, we prescribe the
poloidal magnetic field inclination, choosing an angle
ϕ = 70◦
[
1 + exp
(
−θ − 45
◦
15◦
)]−1
, (12)
where ϕ is the angle of the magnetic field with respect
to the disk surface. Note that here again we solve for
the divergence-free condition of the magnetic field, re-
covering the solution with the inclination prescribed.
These boundary conditions are slightly different from
Stepanovs et al. (2014) and Fendt & Gaßmann (2018),
as we not suppress the advection of magnetic flux from
the inner disk towards the axis. This inner boundary
condition is known to be quite critical for the numeri-
cal stability of the simulation, as it is time-dependent,
thus implementing a feedback loop from the cells of ac-
tive domain. While the boundary condition as defined
in the papers mentioned above was chosen because it
was found to be less prone to numerical instabilities, for
the present paper, we decided to release that boundary
condition and allow to advect magnetic flux across the
boundary towards the axial region. The advection of
flux towards the axis has some impact for the structure
of this innermost area, but does not change the struc-
ture and the evolution of the surrounding disk jet which
is our major focus. We also think that the advection of
magnetic flux towards the axis is a more physical bound-
ary condition.
Across the inner and outer boundaries both the den-
sity and the pressure are extrapolated by a power law,
ρ = ρ
∣∣
Rin,Rout
R−3/2 P = P
∣∣
Rin,Rout
R−5/2, (13)
5where Rin and Rout is the inner and the outer radius of
the domain. Along the outer boundaries we apply the
standard PLUTO outflow (zero gradient) conditions. In
addition, we still prescribe vR to be non-positive in the
disk region and non-negative in the coronal region.
2.5. The dynamo model
For a thin disk, the non-diagonal components of the
mean-field dynamo tensor are negligible. In our ap-
proach we consider the explicit form of the dynamo
terms following Ru¨diger et al. (1995); von Rekowski et
al. (2000),
αdyn = (αR, αθ, αφ) = −α0csFα(z), (14)
where cs is the adiabatic sound speed at the disk mid-
plane and Fα(z) is a profile function,
Fα(z) =
 sin
(
pi
z
H
)
z ≤ H
0 z > H
(15)
(Bardou et al. 2001), that confines the dynamo action
within the accretion disk. Note that Ru¨diger et al.
(1995) have applied a slightly different profile, namely
a linear function Fα(z) = z/H in the disk. We pre-
fer the approach of Bardou et al. (2001) that effectively
avoids the discontinuity at the disk surface and is thus
better suited for a simulation that includes also the disk
corona.
As in Stepanovs et al. (2014), we choose a radial de-
pendence of the dynamo α ∝ R−1/2, since this profile
follows also the sound speed. Note, however, that com-
pared to our former simulations, in the present setup
the radial profile of the dynamo is not necessarily con-
stant in time. As the sound speed is included in the
dynamo tensor, along with the disk sound speed, also
the dynamo tensor is updated every time step. We will
demonstrate that this variation has only a minor impact
on the overall evolution of the system. However, it rep-
resents a more consistent approach and is furthermore
in agreement with the analytical models of mean-field
dynamo theory (Ru¨diger, & Kichatinov 1993; Ru¨diger
et al. 1995).
2.6. The diffusivity model
For the magnetic diffusivity tensor we assume a di-
agonal structure (as for the dynamo). We adopt an α-
prescription as typically applied in our previous work
(Stepanovs et al. 2014),
η = (ηR, ηθ, ηφ) = η0αsscsHFη(z), (16)
where cs is the adiabatic sound speed at the disk mid-
plane, H is the initial disk pressure scale height while αss
is the dimensionless parameter of turbulence (Shakura
& Sunyaev 1973). Thus, the diffusivity is assumed to
be essentially of turbulent nature most probably caused
by the MRI (Balbus & Hawley 1991). Again we define
a profile function,
Fη(z) =

1 z ≤ H
exp
[
−2
(
z −H
H
)2]
z > H
(17)
that confines the diffusivity within the disk region. Note
that the magnetic diffusivity, or resistivity, respectively,
is motivated here as caused by the disk turbulence, thus
much stronger than the microscopic value.
In the literature of jet launching simulations (see e.g.
Jacquemin-Ide et al. 2019) without a mean-field dy-
namo, the magnetic diffusivity is usually computed as
η = η0vAHFη(z), (18)
where the two model approaches described above coin-
cide if αss =
√
2µD/γ where γ is the polytropic index
and µD is the magnetization computed at the disk mid-
plane. This model approach, in the following denoted
as the standard diffusivity model, is, however, not used
in this paper. One reason is that we want to avoid the
accretion instability to occur (Campbell 2009). This can
be avoided when the feedback between the magnetiza-
tion and the magnetic diffusivity is chosen stronger than
αss ∝ √µ (see our previous work Stepanovs & Fendt
2014). Note that we already have a feedback loop on
the magnetic diffusivity, as the growth of the magnetic
field is naturally related to the mean-field dynamo.
We therefore apply the so-called strong diffusivity
model that we have previously invented (Stepanovs &
Fendt 2014; Stepanovs et al. 2014),
αss =
√
2
γ
(
µD
µ0
)2
, (19)
where µ0 = 0.01. Since the initial magnetic field does
not intersect the disk mid-plane, for the quantity µD we
calculate the ratio between the average total magnetic
field (vertically averaged at a certain radius) in the disk
and the gas pressure at the disk mid-plane (Stepanovs
et al. 2014). As demonstrated previously, this approach
allows to perform a more stable evolution of the disk-
jet structure over long simulation time (Stepanovs et al.
2014; Fendt & Gaßmann 2018).
2.7. Dynamo number and dynamo quenching
The dynamo number is the leading parameter for the
evolution of the mean-field dynamo-generated magnetic
6field. Sub-critical dynamo numbers support a slow, lin-
ear growth of the magnetic field, while super-critical
numbers lead to a rapid, thus exponential growth of
the magnetic field. This exponential growth must be
quenched by a physical model that damps the dynamo
action (thus the dynamo number) for strong fields by
first principles. We define the dynamo number as
D = αφΩH
3
η2disk
(20)
(Ru¨diger et al. 1995; von Rekowski et al. 2000). Since
at z = H the dynamo components vanish, the quantity
αφ is computed at z = H/2. For the definition of an
average disk diffusivity ηdisk we refer to Appendix B .
This definition of the dynamo number is a product
of the azimuthal magnetic Reynolds number RΩ =
|∆Ω|H2/ηdisk based on the shear of the flow ∆Ω, and
the magnetic Reynolds number Rα = αφH/ηdisk, based
on the α-effect (considering αφ as the strongest dynamo
contribution in disks).
As demonstrated by Stepanovs et al. (2014), both the
disk orbital velocity and the sound speed at the disk
mid-plane undergo some little variation during the tem-
poral evolution of the system. Therefore, for an almost
constant diffusivity profile with radius, D would scale
almost linearly with the radius. We note that this is a
rough estimate - as the disk diffusivity does not follow
a constant radial profile, even in quasi-steady state.
The dynamo number also depends on αss,
D ∝ α−2ss ∝ µ−4disk (21)
(Stepanovs et al. 2014; Fendt & Gaßmann 2018). Note
that our diffusivity model leads to a rapid growth of the
magnetic diffusivity and, as a consequence, to a satura-
tion of the magnetic field strength. We thus expect the
dynamo number to converge to a sub-critical strength -
at a given radius - at which the magnetic field cannot be
amplified anymore. In order to determine such a critical
strength for dynamo action involves to consider the full
nonlinear evolution of the system, and therefore will be
subject of analysis in the following sections.
As previously shown (Stepanovs et al. 2014), our dif-
fusivity model is able to suitably quench the dynamo ac-
tion, preventing an endless amplification of the magnetic
field. This is triggered by the strong feedback of the disk
magnetization on the magnetic diffusivity (through αss).
Although this model prevents the accretion instabil-
ity1 described in Stepanovs & Fendt (2014), it may lead
1 the accretion instability is the disk mass loss which increases the
magnetization which increases the mass loss and so on
to un-physically large values of αss, if not treated with
care. Other quenching models, as e.g. the standard
quenching model discussed in Ru¨diger, & Kichatinov
(1993); Ru¨diger et al. (1995), lead to the same quench-
ing effect as our diffusive quenching model, while keep-
ing the maximum strength of αss in a physically likely
range as discussed in e.g. King et al. (2007).
However, in order to be able to evolve the long-term
properties of the various dynamo models we choose the
diffusive quenching over the standard quenching. The
standard quenching was found to be prone to the accre-
tion instability for our setup. Furthermore, the diffusive
quenching works much smoother compared to the stan-
dard quenching and leads to the same result. We note
that we do not put any lower bounds on the turbulence
level αss. This may effect, via the dynamo-alpha α0, the
critical dynamo number, above which we expect an ef-
fective magnetic field amplification. The study of phys-
ically more self-consistent feedback models for dynamo
quenching will be subject of our future work.
3. A TOY MODEL FOR AN ANISOTROPIC
MEAN-FIELD DYNAMO
This section aims to disentangle the effects that are
physically caused by the different components of the dy-
namo tensor (the three components of a vector in our
case) in order to gain a detailed understanding of the
physical process of field amplification at act.
3.1. Anisotropic dynamo and diffusivity coefficients
Our aim is to generalize the dynamo models applied
previously (von Rekowski et al. 2003; Stepanovs et al.
2014; Fendt & Gaßmann 2018). These works applied a
scalar (thus isotropic) α coefficient. Here we apply the
anisotropy of the dynamo, assuming that the coefficients
α0, as described in Section 2.5, are not necessarily the
same (Ru¨diger et al. 1995).
The role of the diffusivity has been widely discussed
in the literature (Zanni et al. 2007; Sheikhnezami et al.
2012). Here we assume
η0 =
(
1
2
,
1
2
, 1
)
η0, (22)
where η0 = 0.165 recovers the reference values of
Stepanovs et al. (2014). In order to have a direct
comparison with the simulations of Fendt & Gaßmann
(2018), we set the dynamo tensor components as
α0 = (φ, ψ, χ)α0, (23)
7Table 2. Simulations with the dynamo coefficients of α0 =
(φ, ψ, χ)α0. The magnetic diffusivity distribution is the same
with η0 = 0.165. The run time of the simulations is tF in
units of 1000.
run ID φ ψ χ tF Comment
Scalar 1.0 1.0 1.0 30 as Stepanovs et al. (2014)
phi A 1.0 1.0 2.0 10 strong amplification
phi B 1.0 1.0 0.5 10 weak amplification
phi C 1.0 1.0 0.1 10 very weak amplification
R A 2.0 1.0 1.0 10 magnetic loops at R ' 40
R B 0.75 1.0 1.0 10 magnetic loops at R ' 20
th A 1.0 5.0 1.0 10 multiple loops in R ∈ [15, 80]
th B 1.0 0.1 1.0 4 magnetic loops at R ' 15
with α0 = 0.775. Setting ψ = φ = χ = 1, we recover the
reference simulation of Fendt & Gaßmann (2018)2.
The strength of the dynamo coefficients (φ, ψ, χ) are
summarized in Table 2. From this set of simulation runs,
we will consider a sample of eight exemplary runs in or-
der to disentangle the influence of the different compo-
nents of the alpha tensor on the magnetic field structure
and the disk and jet evolution.
3.2. Evolution of the magnetic field
Figure 1 shows for the different parameter runs the
density distribution of the disk-jet structure, together
with the magnetic field geometry (as contour lines of
the vector potential). We point out that in all cases
but simulation th B (which is described more in detail
in Section 3.4), the initial magnetic field has the radial
structure as described in Section 2.3.
Overall, we see that in all simulation runs the mag-
netic field in the inner region close to the rotation axis
that has been generated by dynamo action shows a
large scale open geometry. Together with a substantial
strength, this magnetic field structure is able to eject
disk material in to an outflow with a high degree of col-
limation. On the other hand, we also see that the very
field structure depends on the choice of the dynamo ten-
sor, thus the strength of the tensor components. The
choice of different coefficients (φ, ψ, χ) in our toy dy-
namo model leads to a different magnetic field configu-
ration.
3.2.1. A super-critical poloidal dynamo
2 Note that αss as well as the dynamo tensor (now also considering
sound speed) are now differently defined. Thus, the coefficients
α0 and η0 are not defined in the same way.
The induction equation tells us that the dynamo ac-
tion governed by αφ is the only way to increase the
poloidal magnetic field up to the strength that is re-
quired for jet launching. Even for αφ = 0 the toroidal
magnetic field is still dynamo-amplified through the Ω
effect and also the αR dynamo component. However, the
dynamo does not lead to a substantial amplification of
the poloidal magnetic field. Therefore the latter cannot
increase and stays confined within the disk. Neither the
strength nor the launching angle can be reached that is
required to produce a Blandford-Payne outflow.
On the other hand, as a consequence of the quenching
model applied, the magnetic diffusivity still increases as
the toroidal magnetic field growths. As a consequence,
the poloidal magnetic field still evolves, even if the field
is not enhanced by the dynamo action. Note, however,
that even if χ > 0, if αφ is under a critical strength αcrit,
the dynamo action for the poloidal field is still negligible.
When comparing the time scales for diffusion and dy-
namo action for different strength for αφ (see Fendt &
Gaßmann 2018), we find a critical value of αcrit ' 0.003,
corresponding to χ ' 0.03.
Because of the diffusivity model applied in these sim-
ulations, we find that the dynamo number is not an
unambiguous measure for the initial critical dynamo ac-
tion, as the disk diffusivity does not only depend on the
poloidal magnetic field (that is not amplified as the dy-
namo αφ is sub-critical), but also on the toroidal mag-
netic field (that remains amplified by the dynamo αR
and by the Ω effect). Moreover, as shown in Stepinski &
Levy (1988, 1990); Torkelsson & Brandenburg (1994),
the initial critical dynamo number depends on several
factors e.g. the number of grid cells or the magnetic
field configuration. Nevertheless, the dynamo number
still remains a key parameter in order to understand
the evolution and saturation of the dynamo action (see
Sect. 2.7).
For αφ < αcrit, the poloidal magnetic field increases
only by less than one order of magnitude in the outer
disk before time t = 3000, while the inner disk region
is not at all magnetically amplified. For αφ > αcrit,
the dynamo effect substantially amplifies the poloidal
magnetic field, as shown in Fig. 2, changing both its
strength and geometry which subsequently may lead to
an disk outflow of material similar to Stepanovs et al.
(2014). All the cases that we investigated and that are
listed in Table 2 satisfy the condition αφ > αcrit.
3.2.2. Induction of multiple magnetic loops
Dynamo action triggered by the φ-component of the
alpha tensor leads to a topological magnetic field struc-
ture such that the magnetic field loops generated in the
8Figure 1. Magnetohydrodynamic evolution of the toy model dynamo simulations (see Table 2 at t = 4000. Shown is the
density distribution (color) and magnetic field lines (white lines). The poloidal magnetic is field is represented by the contour
lines of the vector potential Aφ. The dashed lines indicate a negative polarity of the poloidal magnetic field.
Figure 2. Temporal evolution of the disk poloidal magnetic
energy integrated from radius R = 10 to the end of the do-
main, Rout = 100.
inner disk region open up and drive a collimated outflow
(see also Fig. 1, but also Stepanovs et al. 2014; Fendt
& Gaßmann 2018). Outside this inner jet launching re-
gion, magnetic loops are continuously formed. This loop
structure, that is basically corresponding to a reversal
in the radial field BR, is diffusing outwards due to the
radial magnetic field pressure gradient of the inner disk.
Such loops do not correspond to a reversal in the toroidal
field and since they are diffused away, their impact on
the jet dynamics is negligible.
In case of dynamo action that is substantially an-
isotropic (as our cases R A, R B and th A), we observe
an essentially different evolution of the magnetic field
topology. That is, for φ < 0.8 or φ > 1.5, a second
magnetic loop is formed that is anti-aligned to the loop
structure induced further in. These loops, character-
ized by a reversal in the toroidal field, are substantially
different from the ones described previously, and play
9a significant role in the evolution of the magnetic field
and of the disk-jet system (see our discussion below).
We point out that the anti-aligned magnetic loops can
be formed also when considering a scalar dynamo tensor,
when the scalar α0 < 0.6 (Fendt & Gaßmann 2018).
As shown in Section 3.2.1, the coupling between the
toroidal magnetic field and the dynamo tensor compo-
nent αφ is the main mechanism responsible for genera-
tion of the poloidal field. For 0.8 < φ < 1.5, the toroidal
magnetic field, being amplified by the Ω-effect from the
radial weak seed field, shows a monotonous behavior (af-
ter being amplified). As the system evolves, the poloidal
field is amplified over the whole accretion disk.
By looking at the spatial and temporal numerical
derivatives of the toroidal field, we find that because of
the highly anisotropic character of αR, some ”dynamo-
inefficient zones” are formed. These are areas of van-
ishing poloidal field strength, but, in addition, in such
zones also the toroidal magnetic field cannot be ampli-
fied. The number and the location of these zones, where
the dynamo is not efficient, depends on the strength of
the three dynamo components and not exclusively by
αR.
Furthermore, for αθ > 3, we find that the toroidal field
shows multiple dynamo-inefficient zones. On the other
hand, the dynamo-inefficient zones of case th A remain
confined in the accretion disk. This is illustrated in the
top panels of Fig. 3 where we show the disk magne-
tization at the same evolutionary time, t = 4000. The
difference between between the three simulation runs Sc,
R B, and th A is clearly visible.
For the case of the scalar dynamo the local disk mag-
netization is only weakly dependent on the radius. It is
relatively low along the mid-plane and increases towards
the disk surface. This is understandable as the disk gas
pressure decreases with altitude while the poloidal field
remains rather constant vertically.
For simulation run R B, for which αR = 0.75, we see
that a dynamo-inefficient zone has developed around ra-
dius R ' 23. Typically, these zones seem to be anchored
at the disk mid-plane. As they are balanced by a low
magnetic pressure, they vertically extend while preserv-
ing the total pressure equilibrium.
For simulation run th A, for which φ = 1 and ψ =
5, we find multiple dynamo-inefficient zones along the
accretion disk. Note that due to their proximity, these
zones are able to connect – and reconnect.
Because the coupling between the toroidal field and
the αφ-component of the dynamo tensor is the only way
to dynamo-amplify the radial field component, the radial
field that is amplified from the toroidal has also different
polarities.
Since we have physical resistivity included, the mag-
netic field is able to reconnect and to change its topology
within the accretion disk. In particular, instead of one
magnetic loop that is visible (see Fig. 3, bottom right
panel), now more magnetic loops arise (see Fig. 3, bot-
tom left panel). On the other hand, the reversal of the
toroidal field is associated with a maximum in the ten-
sor component αθ, which undergoes a reversal at smaller
radii (bottom left panel of Fig. 3).
Compared to the results of Fendt & Gaßmann (2018),
here we find that the re-configuration of the magnetic
field structure does impact the jet evolution on a weaker
level. We believe that this is mainly due to the mid-
plane boundary condition, that is absent in the previ-
ous paper. In particular, here we enforce symmetry be-
tween upper and lower hemisphere that can be violated
in a bipolar setup. However, the reversal of the toroidal
and radial field components that directly define the disk
magnetization still play a key role in the disk-jet evolu-
tion. We note that the disk magnetization is the main
ingredient of the diffusivity model for the resistive disk
evolution.
Since the dynamo-inefficient zones correspond to
zones of low diffusivity, as a result the accretion pro-
cess can be affected. In fact, accretion can be suppressed
across such zones, leading to under-dense and over-dense
regions (compared to the simulations without multiple
loops). We find that these under-dense/over-dense re-
gions are strongly related to the existence of a verti-
cal field. We experienced numerical issues when under-
dense zones are located too close to the inner boundary,
for example unphysical values of the fluid density or the
fluid pressure.
Here we need to comment briefly on the ”dead zones”
that has been proposed for protoplanetary disks. Al-
though the dynamo-inefficient zones we detect in our
simulations may look similar to these dead zones, the
physical processes involved are not the same. Dead
zones in protoplanetary disks have been proposed by
Gammie (1996) on the basis of a lack of coupling be-
tween matter and magnetic field due to an insufficient
degree of ionization. This lack of coupling would not
allow the MRI to operate, and, as a consequence, also
accretion unlikely to happen, since the lack of angular
momentum exchange. As a result, a layered accretion is
expected on a theoretical basis, which could indeed be
realized in numerical simulations (Fleming et al. 2000;
Fleming & Stone 2003). Also, resistivity was found to
play an essential role in suppressing the MRI (see e.g.
Sano et al. 2000; Fromang et al. 2002; Flock et al. 2012).
Dead zones in protoplanetary disk are also thought to
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Figure 3. Presence and absence of dynamo-inefficient zones in the disk for different dynamo prescriptions, Scalar (left panels,
R B (middle panels), and th A (right panels), respectively. The top row shows the disk magnetization at time t = 4000, while
in the bottom row shows the three magnetic field components close to the disk mid-plane at time t = 1000, where the solid lines
represent positive values of the magnetic field and the dashed lines represent negative values of the magnetic field.
be responsible to create transition disks (Pinilla et al.
2016).
It is interesting to note that for both the protoplan-
etary dead zones and for our dynamo-inefficient zones
the resistivity plays a leading role. However, for the first
approach it is the resistive de-coupling which suppresses
the MRI (and would subsequently suppress the dynamo
action of the MRI), while for our models the dynamo-
inefficient zone is formed as result of a minimum of the
magnetic diffusivity.
Finally we note that as the dynamo-efficient zones are
basically resulting from the feedback of the magnetic
field on the magnetic diffusivity, a change in the quench-
ing model – from the diffusive quenching to the standard
quenching – may affect the exact location and width of
the dynamo-inefficient zones.
3.2.3. Amplification of the magnetic field
The majority of our parameter runs apply a super crit-
ical dynamo αφ > αcrit (Table 2). The resulting mag-
netic field strength and geometry supports a collimated
outflow. In Fig. 2 we show the time evolution for the
disk poloidal magnetic energy, integrated from R = 10.
For a comparison the case of an isotropic dynamo is
shown.
The three different dynamo tensor components play a
different role in the amplification of the poloidal mag-
netic field. The φ-component of the dynamo is the main
ingredient that amplifies the poloidal magnetic field in
the disk, while the R and θ-components determine the
formation of the dynamo-inefficient zones, that, sub-
sequently, also determines the poloidal magnetic field
structure.
The φ−component of the dynamo tensor essentially
influences already the very early stages of the disk-jet
evolution – a higher strength of αφ leads to a faster and
stronger amplification, as we can see by comparing the
”phi”-simulations to the isotropic model in Fig. 2.
The other dynamo components (αR and αθ) become
important only once the poloidal field has been amplified
to substantial strength, and through the presence (or
absence) of the dynamo-inefficient zones. In particular,
where a dynamo-inefficient zone is built up in the inner
disk, it triggers the temporal evolution of the system
already on short timescales (' 100 after its formation
). A dynamo-inefficient zone located further out plays a
minor role during the early phase of the disk evolution.
We emphasize that the evolution of the disk magnetic
field is strictly correlated with the existence of dynamo-
inefficient zones, since these features lead to the forma-
tion of multiple anti-aligned magnetic loops in the disk
(see Fig. 1 and section 3.2.2). A higher strength of the
dynamo tensor component αR leads to an – on average
– higher amplification of the toroidal field. However,
once the dynamo is quenched by magnetic diffusivity,
the magnetic field strength decreases to the magnitude
that we recovered in the isotropic dynamo simulation.
Therefore, we interpret that the effect of a higher αR is
a more rapid amplification of the poloidal field. On the
other hand, a lower αR leads to a slower toroidal (and
therefore poloidal) field amplification.
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We find a different behavior when a dynamo-inefficient
zone (only one) is forming which extends beyond the
accretion disk surface. As discussed in Section 3.2.2, the
reversal of the toroidal field corresponds to a spatially
stationary point in the θ−component of the magnetic
field. As a result, the poloidal magnetic energy is higher
than for the isotropic dynamo model, simply because in
the dynamo-inefficient regions of the disk the vertical
field component becomes stronger.
On the other hand, this increase in the vertical compo-
nent of the magnetic field is partially suppressed in the
presence of multiple magnetic zones, compared to the
case of an isotropic dynamo tensor. Our understanding
of this effect is that the existence of quite a number of
field reversals (that effectively decrease of the local mag-
netic energy), more than compensates the induction of a
vertical field component (that would lead to a decrease
of the local magnetic energy).
3.2.4. The dynamo number
The dynamo number is usually quoted as a mea-
sure for dynamo activity. Only dynamos with a super-
critical dynamo number evolve rapidly and work effi-
ciently against magnetic diffusivity, and finally lead to a
strong, saturated poloidal magnetic field. The dynamo
number can therefore tell us when and where the growth
of the magnetic field reaches saturation. In Figure 4 we
compare the dynamo number as function of time and
radius for different cases.
We first show the dynamo number for different
strength of the tensor component αφ (top panel). We see
that as χ decreases, the amplification of the poloidal field
is weaker and also slower, as also indicated by Fig. 2.
These differences in the magnetic field evolution are re-
flected on the dynamo number. In the time evolution of
the dynamo number for all simulations we can clearly
distinguish three evolutionary stages3.
We may first define an (i) initial phase (indicated in
blue) during which the dynamo number is almost infi-
nite, simply because the diffusivity is still low (as implied
by the quenching triggered by the magnetic diffusivity).
Then comes a (ii) dynamo phase (indicated in white)
that is characterized by a strong competition between
dynamo action and diffusive quenching. During this
phase we recognize magnetic loops being present, sur-
viving from the early stages (t . 500 in the inner disk
region) of dynamo evolution. In a subsequent (iii) final
3 Here, we point out that, as opposed to the simulations described
in the lower panel of Fig. 4, the top panel is marked by the
absence of the multiple magnetic loops described in Section 3.2.2.
For this reason the three evolutionary stages we prefer to define
considering both time and space.
phase (indicated in red), these magnetic loops have been
washed out or have been broken-up, respectively, and a
quasi-steady state of the dynamo evolution is reached.
The time scale when the final phase is reached depends
of the radius (thus on the dynamical time scale that is
defined by the disk rotation at this radius). In the inner
radii the final stage is reached around t . 500, while in
the outer disk regions is reached only at t & 5000. In
this final phase, dynamo action and diffusive quenching
are fully balanced.
Note that in the inner disk region the second dynamo
phase is missing because of the rapid evolution of the
dynamo. Here, the magnetic energy reaches the satura-
tion level already very early, with a timescale of the first
two phases being much smaller.
Considering now the effect of different levels of dy-
namo an-isotropy we find the following results. For
larger χ we do not find a second phase at larger
radii since the magnetic field is amplified on a shorter
timescale. In addition to that, for larger χ the first phase
has a shorter lifetime at every radius.
Looking at the innermost parts of the accretion disk,
a larger χ leads to an overall smaller dynamo number at
the stage of quasi-steady state. This is a consequence
of the quadratic dependence on the disk diffusivity (see
Eq. 19) that balances, respectively quenches the mean-
field dynamo effect. For the latest evolutionary stages
we notice that, although this happens at different times,
for each choice of χ,the simulation reaches its steady
stage also at a larger radius. This is an indicator of a
faster evolution of the magnetic field for larger χ.
Note that the dynamo number can also be used as a
tracer to identify the dynamo-inefficient zones. As the
latter correspond to a minimum in the magnetic diffusiv-
ity, here the dynamo number will have a sudden growth.
On the other hand, the dynamo-inefficient zones are not
only zones where the toroidal magnetic field has a mini-
mum, but they also zones where the toroidal field cannot
be amplified. For such reason, the general application
of the dynamo number as a measure of dynamo activ-
ity can be misleading, since its sudden growth (in corre-
spondence of the field reversal) does not necessarily lead
to a further magnetic field amplification.
This is shown in Fig. 4, where we display in the bot-
tom panels the dynamo number for the simulation runs
that result in the generation of dynamo-inefficient zones.
In contrast, the upper panels show simulations that do
not lead to dynamo-inefficient zones. The figure nicely
demonstrates a similar evolution of these simulation up
to radii where the dynamo-inefficient zones have estab-
lished when a quasi-steady state is reached.
12
Figure 4. Dynamo number for selected simulation runs. Note the presentation of this figure as a t-R diagram, displaying the
strength dynamo number along the disk (vertically, in R-direction) as a function of time (horizontal axis).
Interestingly, the dynamo-inefficient zones – repre-
senting a minimum in the toroidal and in the radial
magnetic field component, do not directly affect the dy-
namo activity further out. Outside the field reversal
zone a saturation of the magnetic field can be reached.
This is in particular visible when comparing the two
right panels (runs phi C and th B).
Looking at the dynamo number in more detail, we
understand why case R A and case Scalar (isotropic dy-
namo) are almost not distinguishable (Fig. 2, left). The
dynamo-inefficient zone that is present in the case R A
appears only at later stages of the evolution, as it is lo-
cated at about R ' 40 while the magnetic field in the
ambient parts of the disk is amplified only on a longer
timescale. In contrary, the dynamo-inefficient zone of
R B is formed already earlier at t ' 1000, and therefore
a different evolution of the poloidal disk magnetic field
takes place, and also on a shorter timescale. The time
evolution of cases th A and th B will be discussed below
(see Section 3.4).
3.3. Dynamics of accretion-ejection
So far we have investigated mainly the evolution of the
magnetic field structure that is generated by the accre-
tion disk dynamo, applying different model assumptions
for the dynamo tensor. Obviously, the difference in the
field structure - difference in strength and geometry -
will have strong impact on the dynamics of the accretion
disk and the disk wind or jet. In this section we want to
discuss the dynamical evolution of the accretion-ejection
structure and compare the results for different dynamo
models.
3.3.1. Accretion and ejection rate
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Figure 5. Temporal evolution of the accretion (top panel)
and ejection (bottom panel) rates. The accretion rate is
computed at fixed radius R = 7, while the ejection rate is
computed along the disk surface from R = 1 to R = 7. See
Sect. B for a definition of the control volume.
As pointed in the previous sections, the dynamo tensor
components that amplify the toroidal field (αR and αθ)
work on longer timescales than the φ-component of the
dynamo tensor (which amplifies the poloidal magnetic
field). Also, a larger dynamo component αφ leads to
a higher magnetic diffusivity. In turn, this leads to a
higher accretion rate, as shown in the top panel of Fig. 5,
since the disk diffusivity enables to replenish the disk
matter that is lost from the inner disk (by accretion or
ejection) from the outer disk regions.
On the other hand, the ejection rate only weakly de-
pends on the strength of the φ-dynamo, especially in
the early stages of the evolution, (t ' 100), as shown
in the bottom panel of Fig. 5. While the inner regions
reach a quasi-steady state for t & 500, the ejection rate
decreases until it reaches a quasi-constant level. This
magnitude is higher for larger χ, mostly because of the
enhanced accretion rate.
We find that the ratio between the ejection and the
accretion rate is higher for lower χ. This can be un-
derstood as follows. A higher strength of αφ leads ef-
fectively to a stronger and faster amplification of the
magnetic field. A larger χ, which is itself a consequence
of applying an anisotropic dynamo tensor, leads to a
stronger disk magnetization4. Because of the diffusive
quenching we apply (see Eq. 19), a higher disk magneti-
zation implies a higher disk magnetic diffusivity, which
in turn supports higher accretion rates.
For example, Figure 5 shows that for χ = 2.0 about
< 50% with of the accretion mass flux becomes ejected.
For χ < 0.5 all the matter accreted becomes ejected
into the jet structure. This result is in nice agreement
with resistive non-dynamo launching simulations (Zanni
et al. 2007; Sheikhnezami et al. 2012), which showed a
correlation between the disk magnetic diffusivity and the
ejection-accretion rate ratio.
Once the poloidal field has become dynamo-amplified,
the R and θ-components of the dynamo tensor can play a
major role in the magnetic field evolution and, thus, also
in the dynamics of accretion-ejection as they potentially
induce dynamo-inefficient zones in the disk. For simu-
lations for which NO dynamo-inefficient zones emerge,
differences in the toroidal magnetic field do not really
impact on the poloidal field components, even on longer
time scales.
On the other hand we find that a toroidal field reversal
and the subsequent formation of multiple anti-aligned
loops (and the correspondent dynamo-inefficient zones)
in the disk leads to a decrease in the accretion rate. The
reason is the diffusive quenching we apply. At the loca-
tions where the toroidal field vanishes in the disk, also
the magnetic diffusivity has a minimum (because of the
low disk magnetization, see Eq. 19). A low diffusivity
lowers the accretion efficiency.
We point out that the increase in the poloidal mag-
netic energy shown in Fig. 2 is a value integrated over a
control volume. Therefore, even if the overall magnetic
energy is high, the formation of zones of low magnetic
diffusivity leads to a decrease in the overall accretion
rate. As a consequence, the disk mass that is lost by
accretion and ejection cannot be efficiently replenished,
therefore the accretion rate decreases with time. Also
the ejection rate is affected, but at later times. The
most immediate consequence of the lower accretion rate
is the formation of under-dense and over-dense zones in
the accretion disk.
The radial distance of a dynamo-inefficient zone from
the inner disk radius is strictly correlated with the
timescale at which we observe a decrease in the accre-
tion rate. This is the case for example for simulations
R B and R A (see Fig. 5, left). While in the former
case the dynamo-inefficient zone leads to a decrease in
4 Note that the disk gas pressure, in absence of dynamo-inefficient
zones, is subjected to only very small changes during the tempo-
ral evolution of the accretion disk.
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the accretion rate already at time t ' 2000, the latter
case shows no difference to the simulation applying an
isotropic dynamo tensor until time t ' 4000. Note that
the dynamo-inefficient zone is formed only at t ' 4000,
and, therefore, can impact the accretion and ejection
rates only on a longer time scale (see Fig. 4).
3.3.2. Jet speed and collimation
An immediate consequence of a variation in the dy-
namo tensor components is the jet kinematics. As
pointed by Stepanovs & Fendt (2016), a higher poloidal
disk magnetization will leads to a stronger jet, for ex-
ample in terms of mass flux and velocity. We know from
simulations applying a scalar dynamo model (Fendt &
Gaßmann 2018) that the terminal jet speed is corre-
lated with the strength of α0; in particular, a stronger
dynamo leads to a faster jet. Note that these properties
– jet speed, mass flux, or collimation – are global prop-
erties and thus accessible in principle by observations,
different from the intrinsic local conditions in the disk
such as turbulence and dynamo action.
As for the evolution of the magnetic field, the three
components of the dynamo tensor have a different im-
pact also for the jet kinematics. When considering dif-
ferent magnitudes of the dynamo-χ, from our simula-
tions we find an correlation similar to the one discov-
ered in Stepanovs & Fendt (2016). That is the fact
that a stronger φ−component of the dynamo results in a
stronger amplification of the poloidal magnetic field. As
a direct consequence, since the midplane pressure shows
only a very weak dependence on the dynamo model, a
larger χ leads to a higher poloidal disk magnetization
(see Fig. 6). Consequently, with a higher disk magne-
tization more magnetic energy is available to accelerate
the outflow.
We show the terminal jet speed, here computed as the
maximum speed at R = 100, as function of the magne-
tization in Fig. 6. This figure indicates a very clear
trend, as proposed by Stepanovs & Fendt (2016). In
addition, it demonstrates again the gain in magnetiza-
tion for different parameters for the dynamo parameter.
We find that the maximum jet speed reaches the Ke-
plerian velocity at the inner disk radius However, the
maximum speed decreases for smaller χ. This is shown
also in Fig. 7 where we compare the distribution of the
jet poloidal velocity for different simulation runs.
The two other dynamo tensor components affect the
evolution of the disk magnetization in term of genera-
tion (or not generating) magnetic loops and/or dynamo-
inefficient zones. Since minima in the magnetic field
strength do only have a very minor impact on the overall
disk poloidal magnetic energy (and therefore on the disk
Figure 6. Jet speed vs disk magnetization. Shown is the
maximum jet velocity versus the disk magnetization calcu-
lated from the poloidal magnetic field. Note that the disk
magnetization is solely resolution from the dynamo compo-
nent xi and does not depend from a further quenching pa-
rameter.
poloidal magnetization, see Fig. 5), a difference in φ does
not necessarily lead to a different jet. The main reason
why the jet dynamics is not substantially changed, at
least in the early stages of the jet formation and propa-
gation, is that the magnetic field structure remains very
similar in the innermost disk regions (see Fig. 3). This is
actually the field structure that is responsible for launch-
ing the strongest - and also collimated - jet component.
On the other hand, the dynamo-inefficient zones lead
to a different disk mass distribution (see Fig. 5), which
naturally affects the evolution of the whole disk-jet sys-
tem. In particular, we observe a more turbulent config-
uration of the poloidal magnetic field (see Fig.7), which
leads to the ejection of a slower and less massive jet
(i.e. with smaller ejection rate, as shown in the bottom
panel of Fig. 5). The latter has been proposed already
by Fendt (2006).
Another observable is the jet collimation as an im-
print of the overall jet dynamics. There are several op-
tions how to best define jet collimation For example, in
Fendt (2006); Pudritz et al. (2006); Sheikhnezami et al.
(2012) the degree of collimation has been computed as
the ratio of the (normalized) mass fluxes in the axial and
in the lateral direction, respectively. Another option
is the pure opening angle. Here we choose a different
way to measure the jet collimation quantitatively, tak-
ing advantage of the spherical coordinates we applied.
More specifically, we compute the opening angle of the
jet flow for which the jet has its maximum velocity (or
mass flux). Comparing the angle obtained for differ-
ent (spherical) radii we obtain a gradual change that in
particular demonstrates the process of collimation.
What we find from our dynamo simulations is essen-
tially that the jet degree of collimation shows only a
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Figure 7. Comparison of parameter runs at t = 10000. Shown is the distributions of the poloidal velocity (top), overlaid with
contour lines of the vector potential (following poloidal field lines)(top), and toroidal magnetic field strength (bottom).
weak dependence on the strength of the dynamo com-
ponent αφ. This is maybe expected as we know that
collimation depends on the profile of the disk magnetic
field rather than its strength (Fendt 2006; Pudritz et al.
2006). Therefore, no significant differences are found in
the jet collimation for a substantially isotropic dynamo,
while an anisotropic dynamo in general leads to a lower
degree of jet collimation (see Fig. 7, left).
Another feature that impacts the degree of jet colli-
mation is the presence of magnetic islands, respectively
magnetized vortices. This loops severely disturb of the
accretion-ejection structure, enhance the turbulence in
the outflow flow, and also affect the efficiency of mass
ejection.
The toroidal magnetic field, which plays a leading role
in the jet collimation, is affected by αR and αθ. In
particular, the existence of zones where the mean-field
dynamo does not work efficiently, leads to a more turbu-
lent configuration of both the poloidal and toroidal mag-
netic field (see Fig. 7, right). Note, however, that jets
also self-generate a substantial toroidal field that usually
supports collimation (Blandford & Payne 1982). Here,
the turbulent injection and the turbulent field struc-
ture hinder a regular jet toroidal field. Thus, a weak or
non-isotropic dynamo will produce a less collimated jet
(see again Fig. 7, right). To summarize, the dynamo-
inefficient zones lead to a more turbulent evolution of
both the magnetic field and the hydrodynamical quan-
tities, resulting in a more turbulent and less collimated
jet structure.
3.4. Early evolution
Since the target of this toy model is to investigate
the effects of the different dynamo components on the
launching process, we now discuss the impact of the ten-
sor component αθ in more detail. This mostly relates to
the very initial evolution of the simulation.
A first result is that for 0 < ψ < 3 the evolution of
the disk-jet system shows no difference when compared
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with a scalar dynamo. A likely explanation we find come
directly from the choice of the initial configuration of
the magnetic field in combination with the induction
equation. Since the seed field is purely radial, there
is no Bθ-component that can be coupled by a dynamo
process. Therefore, in the initial evolutionary states no
contribution can be provided from αθ. As the system
evolves, the diffusive quenching takes place quite rapidly,
leading to a quasi-steady state. Eventually, the dynamo
effects are counterbalanced by magnetic diffusivity and
the component αθ plays a minor role, just because they
are weak and had no time to evolve.
However, when increasing αθ, as for simulation run
th A, its dynamo effect on the temporal evolution be-
comes stronger. The most important difference to the
scalar dynamo simulations is the formation of multiple
dynamo-inefficient zones within the accretion disk. As
the magnetic field can be amplified only between the
dynamo-inefficient zones, this further leads to multiple
regions in the disk where the magnetic diffusivity does
not grow (see Fig. 4).
The reason why the early temporal evolution is mostly
dominated by the other two dynamo components, essen-
tially depends on the initial magnetic field configuration.
On one hand this might look unphysical, as the long-
term dynamo amplification of the magnetic field should
not depend on its initial structure. On the other hand,
a weak field seed must be present in order to initialize a
mean-field dynamo effect.
Essentially, a toroidal initial magnetic field leads to
the same results (see also Stepanovs et al. 2014). Similar
to the case of a radial initial field, the component αθ
is not involved in the initial temporal evolution of the
Bφ, and therefore is able to play a role only when the
magnetic field has already saturated. Thus, the field
evolution generated from a purely toroidal initial field
leads to results similar to those obtained from a radial
seed field.
This is in contrast to simulations starting from a verti-
cal seed field. We find a strong impact on the evolution
of the system because of the strong shear between the
rotating disk and the non-rotating (at t = 0) corona
(Fendt & Gaßmann 2018). In addition, this is amplified
by the αθ dynamo effect of the magnetic field.
This can be nicely seen by our simulation th B apply-
ing a vertical seed magnetic field that is derived from
a constant vector potential Aφ = 10
−5 and is applying
an anisotropic dynamo with ψ = 0.1. Here, the verti-
cal initial field is able to affect, through the mean-field
dynamo, the magnetic field evolution and amplification.
A dynamo-inefficient zone is formed around R ' 15. A
collimated outflow is launched, although the overall jet
structure shows less collimation compared to the simu-
lation with isotropic dynamo (with radial initial field).
4. CONCLUSIONS
We have presented MHD dynamo simulations in the
context of large-scale jet launching. Essentially, a mag-
netic field that is amplified by a mean-field disk dynamo,
is able to drive a high speed jet. All simulations have
been performed in axisymmetry, treating all three vec-
tor components for the magnetic field and velocity. We
have applied the resistive code PLUTO 4.3 (Mignone
et al. 2007), however extended by implementing an ad-
ditional term in the induction equation that considers
the mean-field dynamo action.
Extending our previous works on mean-field dynamo-
driven jets (Stepanovs et al. 2014; Fendt & Gaßmann
2018), here we have essentially investigated the effects
of a non-scalar dynamo tensor. We have applied
(i) various (ad-hoc) choices for the dynamo tensor
components (this paper, paper I), but also
(ii) an analytical model of turbulent dynamo theory
(Ru¨diger et al. 1995) that incorporates both the mag-
netic diffusivity and the turbulent dynamo term, con-
necting their module and anisotropy by only one pa-
rameter, the Coriolis number Ω∗ (see paper II, Mattia
& Fendt 2020).
In particular we have obtained the following results:
1) We have disentangled different effects of the dy-
namo tensor components concerning the magnetic field
amplification and geometry. We find that the strength
of the amplification is predominantly related to the dy-
namo component αφ. The stability of the disk and
the launching process can be affected by re-connection
events. The field geometry that is favouring re-
connection is mainly governed by the dynamo compo-
nents αR and αθ.
2) We find that the component αφ is strongly corre-
lated to the amplification of the poloidal magnetic field,
such that a stronger αφ results in a more magnetized
disk, which then launches a faster, more massive and
more collimated jet. In contrast, the amplification of
the poloidal field depends substantially on the existence
of dynamo-inefficient zones, which, subsequently, affect
the overall jet-disk evolution, thus accretion and ejec-
tion.
3) We find that not only a stronger dynamo com-
ponent αθ but also a radial component αR defined by
φ < 0.8 ∨ φ > 1.5, respectively, leads to the forma-
tion of dynamo-inefficient zones. The formation of the
dynamo-inefficient zones can also be triggered by a ver-
tical component of the initial magnetic field, even for a
weak dynamo component αθ. A strong αθ component
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triggers the formation of the dynamo-inefficient zoned
predominantly in the inner disk region. Those loops in
general lead to a different evolution of the disk dynam-
ics, since these zones are dynamo-inefficient and prevent
accretion of material from the outer regions of the accre-
tion disk to the inner disk that looses mass by accretion
and ejection.
4) We have investigated how the action of the three
different dynamo components affect the jet structure,
respectively. We find the strength of the magnetic field
has a minor influence on the jet speed and mass, how-
ever the field geometry, in particular the disk magnetic
field profile matters a lot. For lower αφ or in presence
of dynamo-inefficient zones within the accretion disk,
the magnetic field follows a different configuration (with
more large-scale magnetic compared a more turbulent
structure), which immediately affects the jet structure
and collimation.
5) We have disentangled a clear correlation between
the anisotropy of the dynamo tensor and the large-scale
motion of the jet. In particular, dynamos working with a
larger αφ produce a magnetic field that is able to drive
faster jets. The reason is that these dynamos lead to
a stronger disk magnetization, thus provide more mag-
netic energy for launching. This result nicely couples to
correlations between the disk magnetization and various
parameters of the jet dynamics as found by Stepanovs
& Fendt (2016).
6) We have investigated the formation of co-called
dynamo-inefficient zones within the accretion disk and
their effect on the disk-jet connection. In particular,
such zones are related to a toroidal field reversal with
zero derivative, which leads to the formation of multi-
ple loops in the disk. As a consequence, the poloidal
magnetic field (in both the disk and the jet) follows
a more turbulent evolution, forming e.g. reconnecting
magnetic loops, which affects the overall jet launching,
the jet mass loading and, subsequently the jet propaga-
tion. These zones result from certain conditions for the
dynamo action, i.e. certain combinations of the dynamo
tensor components.
So far we have looked for non-isotropic dynamos ap-
plying (ad-hoc) choices for the dynamo tensor compo-
nents. In our follow-up paper (paper II), we will ap-
ply an analytical model of turbulent dynamo theory
(Ru¨diger et al. 1995) that incorporates both the mag-
netic diffusivity and the turbulent dynamo term, con-
necting their module and anisotropy by only one pa-
rameter, the Coriolis number Ω∗.
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APPENDIX
A. TEST SIMULATIONS AND COMPARISON TO
THE LITERATURE
In order to validate our implementation of the mean-
field dynamo tensor in the latest version of PLUTO, we
have performed comparison simulations to the reference
simulation of Fendt & Gaßmann (2018), now restricted
to one hemisphere.
Note that while in Stepanovs et al. (2014); Fendt &
Gaßmann (2018) the dynamo term was simply coupled
with the magnetic diffusivity, here, because of its hyper-
bolic nature, the α-tensor is coupled with the standard
hyperbolic MHD flux terms, with a correction due to the
solenoidal condition of the magnetic field. Some minor
differences in the magnetic field evolution seem to arise
from the different implementation schemes, however, the
overall evolution of the system shows very small differ-
ences in the strength of the physical processes at work.
Our simulation runs till t = 30000, corresponding to
' 5000 inner disk rotations. Figure 8 shows the evolu-
tion of the density and of the magnetic field lines. We
may distinguish three different zones of evolution – the
innermost disk, the outer disk, and the corona. The tem-
poral evolution is in very good agreement with Fendt &
Gaßmann (2018), evolving the same features.
Throughout the inner disk region the magnetic field
lines have the typical open field lines inclined with re-
spect to the disk surface. This configuration is partic-
ularly favorable for a Blandford-Payne-driven outflow.
The outer disk region is filled with magnetic loops, which
are pushed outwards by the magnetic pressure gradient
and thereby diffusing through the disk until it is filled
with magnetic energy and a local steady state is reached.
In difference to Fendt & Gaßmann (2018) we find
that the poloidal magnetic energy saturates towards a
somewhat level, but this is simply because our compu-
tational domain is smaller. Integrated over the whole
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Figure 8. Comparison simulation. Snapshots at t =
[1000, 30000] for a simulation with the the reference pa-
rameters of Fendt & Gaßmann (2018), now performed with
PLUTO 4.3. The color map shows the density while the
white lines are contours of the vector potential (poloidal mag-
netic field lines).
disk Fendt & Gaßmann (2018) find a saturation magni-
tude of ' 2× 10−3 (in code units), while here we reach
a saturation value of ' 1.2 × 10−3 (assuming that the
lower hemisphere follows the same evolution as the up-
per hemisphere).
On the other hand, the accretion and ejection rates
saturate at similar magnitude, and also the accretion-
ejection ratio agrees with our previous studies (Fendt &
Gaßmann 2018). This again strongly supports our con-
clusion that the different implementation schemes are
identical.
A.1. The dynamo number
One way to examine the evolution of the dynamo ac-
tion is to look at the time evolution of the dynamo num-
ber, Eq. 20. Dynamo quenching limits the dynamo num-
ber to a marginally sub-critical magnitude at which the
alpha-dynamo is balanced by magnetic diffusivity. We
point out that the critical dynamo number is not known
a priori, but had to be derived from comparison of pa-
rameter studies. Furthermore, it tells us whether a par-
ticular disk region has reached a quasi-steady state. The
evolution of the dynamo number is shown in Figure 9 as
a function of time and radius, respectively.
At t = 0 the dynamo number is almost infinite because
of the weak magnetization, then it decreases starting
from the inner radii and then reaching a quasi-steady
state also in the outer regions. At t = 5000 we can dis-
tinguish two areas in the profile of the dynamo number.
Figure 9. Comparison simulation. Evolution of the dynamo
number and MHD variables for a simulation of with the the
reference parameters of Stepanovs et al. (2014). Shown is the
evolution of the dynamo number as a function of time and
radius (left) over time, and the profile of certain physical
quantities along the disk mid-plane (right) at t = 30000.
Colored lines indicate different physical quantities, ρ (blue),
cs (yellow), vφ (red), Bθ (cyan), and vR (green), while thin
dashed lines show the initial power-law distribution. The
thick dashed lines show the corresponding fit by a power-
law.
For R < 60, diffusive quenching has already lead to a
field saturation. For larger radii the diffusivity still de-
creases as the toroidal magnetic field has not entirely
engulfed the accretion disk.
At time t = 15000 the dynamo-generated magnetic
loops are diffused to large radii and the whole system
has reached a stable configuration. For all radii the dy-
namo number is somewhat below 6, which we consider
as the critical dynamo number for this simulation setup.
We note that this magnitude is similar to what Branden-
burg & Subramanian (2005) have suggested, although
the critical dynamo number depends on the geometry
and other physical details of the simulation setup. Go-
ing even further in time we see no difference in the tem-
poral evolution nor in the dynamo number. Thus, all
simulations were performed, if not specified otherwise,
till t = 10000.
A.2. Mid-plane quantities
Figure 9 shows the distribution of specific physical
quantities along the disk mid-plane, measured at t =
30000. This allows to compare our test simulations to
the reference simulation of Stepanovs et al. (2014).
We have again fitted the simulation data points with
a power law in order to extrapolate the power law index
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βX and compare it with the radial distribution at t = 0.
We find that the disk rotation remains Keplerian with
βvφ = −1/2. However, the radial profile of the density
distribution changes substantially from βρ = −3/2 to
βρ = −4/3 up to R ' 30, while for larger radii the power
index is βρ = −5/4. As the total mass flux is conserved,
the ejection of matter immediately changes the accretion
rate over the disk and is thus related to the changes in
the profiles of the mass fluxes. The radial (accretion)
velocity follows a power law index βvR = −2/5. Since
we are reaching a longer run time than Stepanovs et al.
(2014), we are now able to get rid of the oscillations and
also the reversal found by Stepanovs et al. (2014) in the
outer disk regions (as their magnetic field was not yet
diffused across the whole accretion disk).
The power-law coefficient of the sound speed changes
during t = 0 and t = 10000 from βcs = −1/2 to βcs =
−3/7, which tells us that the mean-field dynamo only
slightly changes its strength as due to the disk sound
speed through the disk-jet evolution (see Eq. 14). This
change does not lead to any strong net effect on the
temporal evolution of the disk-jet system, therefore we
again find difference to our previous results (Stepanovs
et al. 2014; Fendt & Gaßmann 2018).
Also the angular magnetic field component Bθ follows
the same power law, namely βBθ = −5/4. Note, how-
ever, that we do not find the decrease in the outer disk
regions (R ≥ 40) as found in Stepanovs et al. (2014),
simply because of our longer simulation time.
Overall, by quantifying essential dynamical properties
of our simulation results, we find perfect agreement with
the previous results that are based on a numerically dif-
ferent implementation of magnetic diffusivity and mean-
field dynamo.
B. CONTROL VOLUMES AND FLUXES
Here we define how we integrate global quantities
that are used throughout the paper. The accretion
rate is calculated by integrating the net radial mass
flux through the disk, defined by an opening angle
θS ≡ arctan(2H/r),
M˙acc(R) = 2piR
∫ pi/2−θS
pi/2
ρvRRdθ, (B1)
while the ejection rate is calculated integrating the out-
flow in vertical direction (through the disk surface),
M˙eje(R; θS) =
∫ R
Rin
ρvθ(R˜)2piR˜dR˜, (B2)
respectively. The magnetic disk energy (poloidal or
toroidal) is integrated from a radius of choice R to the
outer radius Rout, and from the disk midplane to the
disk surface, defined by θS . We thus consider the disk
magnetic energy outside R for our considerations,
Emag =
∫ Rout
R
∫ pi/2
pi/2−θS
1
2
B2 sin(|θ|)2piR2dθdR. (B3)
The so-called disk magnetic field (and also the disk mag-
netization) is simply calculated as the average value of
the magnetic field, at each radius, within the initial disk
defined by θi ≡ arctan(H/r),
Bdisk(R) =
1
θi
∫ pi/2
pi/2−θi
B(R, θ)dθ (B4)
while the so-called disk diffusivity is the average value
of the diffusivity at a certain radius within the initial
accretion disk,
ηdisk(R, t) =
1
θi
∫ pi/2
pi/2−θi
η(R, θ)dθ (B5)
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